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ABSTRACT
We present a model for the non-thermal emission from a colliding-wind binary. Relativistic protons and
electrons are assumed to be accelerated through diffusive shock acceleration (DSA) at the global shocks
bounding the wind-wind collision region. The non-linear effects of the back-reaction due to the cosmic
ray pressure on the particle acceleration process and the cooling of the non-thermal particles as they flow
downstream from the shocks are included. We explore how the non-thermal particle distribution and the
keV−GeV emission changes with the stellar separation and the viewing angle of the system, and with the
momentum ratio of the winds. We confirm earlier findings that DSA is very efficient when magnetic field
amplification is not included, leading to significantly modified shocks. We also find that the non-thermal flux
scales with the binary separation in a complicated way and that the anisotropic inverse Compton emission
shows only a moderate variation with viewing angle due to the spatial extent of the wind-wind collision.
Key words: binaries: general – gamma-rays: stars – radiation mechanisms: non-thermal –
stars: early-type – stars: winds, outflows – stars: Wolf-Rayet
1 INTRODUCTION
Colliding-wind binary (CWB) systems consist of two early-type
stars with powerful winds (e.g., Stevens, Blondin & Pollock 1992;
Pittard 2009). If the strength of the winds is not too unbalanced,
and/or if the stars are widely separated, the winds will collide at
supersonic speeds between the stars. This produces a wind-wind
collision region (WCR) where strong global shocks slow the winds
and heat the plasma up to temperatures of 107 K or more.
In some systems the global shocks are collisionless, and are
mediated by magnetic fields rather than through coulombic parti-
cle interactions. This allows particles to undergo diffusive shock
acceleration (DSA), such that a small fraction obtain relativisitic
energies (e.g., Eichler & Usov 1993; Benaglia & Romero 2003;
Dougherty et al. 2003; Reimer, Pohl & Reimer 2006; Pittard et al.
2006; Pittard & Dougherty 2006). The presence of such particles
has been confirmed via radio observations which display a negative
spectral index for the flux density (푆휈 ∝ 휈훼, with 훼 < 0.0), and
which is interpreted as synchrotron radiation. In some systems the
non-thermal emission is spatially resolved and is located at the as-
sumed position of the WCR (e.g., Williams et al. 1997; Dougherty,
Williams & Pollacco 2000; Dougherty et al. 2005; O’Connor et al.
2005; Dougherty & Pittard 2006; Ortiz-León et al. 2011; Benaglia
et al. 2015; Brookes 2016). In other systems the non-thermal radio
★ E-mail: j.m.pittard@leeds.ac.uk
† Currently at CONICET in YPF Tecnología S.A.
emission is not spatially resolved but is linked to orbital variability
(e.g., Blomme et al. 2013, 2017).
In contrast to the situation in the radio band, confirmation of
non-thermal X-ray and 훾-ray emission from CWBs has proved ex-
tremely challenging. Until last year the best evidence was a Fermi
source located near to 휂 Carinae (e.g., Reitberger et al. 2015), an ex-
treme and unusual CWB composed of an LBV primary in orbit with
an as yet unobserved companion which also has a fast and powerful
wind (e.g., Pittard & Corcoran 2002; Corcoran 2005; Hamaguchi
et al. 2007; Damineli et al. 2008; Okazaki et al. 2008; Parkin et
al. 2009; Corcoran et al. 2010; Mehner et al. 2010; Parkin et al.
2011; Madura et al. 2013). A second Fermi source is associated
with 훾2 Velorum, while upper limits exist for several other WR+O
star CWBs (Pshirkov 2016). However, the angular resolution of
the Fermi telescope is relatively poor, and the source circles are
large. Thus it remained possible that the 훾-ray emission detected by
Fermi may actually be coming from other sources than the CWBs
(Benaglia 2016).
This situation dramatically changed last year when non-
thermal X-ray emission from 휂Carinae was detected with NuSTAR,
a focusing telescope (Hamaguchi et al. 2018). These observations
narrowed down the position of the non-thermal emission to within
several arc-seconds of the star, and showed that it varied with the
orbital phase of the binary. In addition, the photon index of the
non-thermal X-ray emission was similar to that found for the 훾-ray
spectrum. This is the conclusive proof that has long been sought,
and the NuSTAR observations provide the crucial support that the
detections at X-ray energies (Leyder et al. 2008; Sekiguchi et al.
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2 J. M. Pittard et al.
2009; Leyder et al. 2010; Hamaguchi et al. 2014), GeV energies
(Tavani et al. 2009; Abdo et al. 2010; Farnier et al. 2011; Reitberger
et al. 2012, 2015; Balbo & Walter 2017) required. The latest devel-
opment is the detection of 휂Carinae at energies of 100’s GeV by
the HESS telescope (H.E.S.S. collaboration 2020).
In this paper we develop a model for the relativistic particles
in CWBs and the resulting high-energy non-thermal emission (for
previous models see, e.g., Dougherty et al. 2003; Pittard et al. 2006;
Pittard & Dougherty 2006; Reimer et al. 2006; Bednarek & Pabich
2011; Reitberger et al. 2014a,b; Ohm et al. 2015; del Palacio et al.
2016; Reitberger et al. 2017; Grimaldo et al. 2019). Our model is
similar to that of del Palacio et al. (2016) but differs in several ways.
The most significant difference is that we use the semi-analytic
model of Blasi, Gabici & Vannoni (2005) to calculate the post-
shock non-thermal particle distribution.We confirm earlier findings
that DSA is very efficient when magnetic field amplification is not
included (e.g. Grimaldo et al. 2019). Our current focus is the non-
thermal X-ray and 훾-ray emission that extends up to 10GeV. In
Sec. 2 we describe our new model. In Sec. 3 we present the results
and we summarize and conclude in Sec. 4.
2 THE MODEL
To better predict and understand the non-thermal emission from
CWBswe have developed a new, fast and efficient, numericalmodel.
While models based on hydrodynamical simulations are best able
to capture complex behaviour such as the curvature and skew of
the WCR resulting from orbital dynamics, or the nature of the flow
within the WCR, they are more cumbersome and costly to calculate
(especially in 3D). Therefore, there is a place for simpler and faster
calculations that are based on an analytic description of the position
of the contact discontinuity (CD) between the shocked stellar winds.
In the following subsections we describe the geometry of our model,
the acceleration and subsequent cooling of the non-thermal particles
in it, and the non-thermal emission processes that are included in
our calculations. We conclude this section with details about our
“standard model”.
2.1 The geometry
Our model is based on an axisymmetric description of the WCR
in which it is assumed that the winds collide at constant speeds
(we take this to be the terminal speeds of the winds). Thus, orbital
effects and the acceleration/deceleration of the winds are ignored.
Our models are therefore most appropriate for wide binaries with
long orbital periods where these neglected effects are minimised1.
We also assume that the global shocks are coincident with the CD.
This is not true in systems where the cooling length of the shocked
plasma is comparable to the stellar separation (or “size” of the
WCR), since the shocks stand-off from the CD in such cases (see,
e.g., Pittard & Dawson 2018). However, it provides a useful first
order approximation for the shock positions.
The position of the CD is computed using the equations in
Cantó et al. (1996). From the apex of the WCR the CD is divided
into segments of 1 degree intervals measured from the secondary
star (hereafter assumed to be the star with the less powerful wind).
At the centre point of each segment the pre-shock wind properties
1 Note that Parkin & Pittard (2008) developed a simple model for the WCR
that did approximate orbital effects.
are calculated: the density, 휌0, and the velocity parallel (푢0‖) and
perpendicular (푢0⊥) to the CD.
Each shock segment has two coincident streamlines that flow
downstream along the CD, one for the non-thermal electrons and
one for the non-thermal protons. Each streamline is split into zones.
The size/depth of these zones is controlled by the requirement that
the highest energy particles lose less than 10 per cent of their energy
in any one step (this is why we use two streamlines: the high-energy
non-thermal electrons cool very quickly,which requires small zones,
while the non-thermal protons cool much more slowly and larger
zones can be used). This ensures that the cooling is properly re-
solved. There may be many zones per segment. We follow the post-
shock non-thermal particles for a distance of 10퐷 downstream of
their acceleration point, where 퐷 is the stellar separation.
As the particles flow along the streamline they move from
the centre of the current segment towards its edge at a speed of
푢0‖ . If the particles are about to move into the next segment the
timestep is adjusted so that they only just cross into it. When they
cross into the next segment the target photon flux and post-shock
particle density and magnetic field of the new segment replace the
corresponding values from the older segment. In this way there is
a reduction in the rate that the particles cool via inverse Compton,
synchrotron, coulombic and proton-proton cooling, reflecting the
reduction in target photon flux and particle densities along the CD.
The velocity of the flow along the streamline is also updated when
the streamline moves into the next segment, so that the particles
gradually accelerate along their streamline.
For the purpose of calculating the emission we gather the
particles in each zone to the centre of the segment that the zone
is in. We then create azimuthal patches by rotating the CD around
the line-of-centres. For the work presented in this paper we create
8 azimuthal patches per CD segment.
2.2 The diffusive shock acceleration
The main difference to del Palacio et al. (2016)’s work concerns
the calculation of the non-thermal particle spectrum at each global
shock. del Palacio et al. (2016) assume that the non-thermal particles
at the two stellar-wind shocks have an energy distribution at injection
of푄(퐸) ∝ 퐸−푝 . The initial post-shock distribution at each position
along each shock is then given by 푁0(퐸) = 푄(퐸)푡adv, where 푡adv
is the time for the particles to be advected downstream into the
next cell. The distribution is normalized by the local fraction of the
incoming kinetic energy flux perpendicular to the shock surface that
is converted into non-thermal particles, 푓NT.
In contrast, we solve the diffusion-convection equation for the
cosmic rays using the semi-analytic model of Blasi et al. (2005) to
obtain the immediate post-shock particle distribution at each shock-
segment. The diffusion of the non-thermal particles is assumed to
be energy dependent in this model (specifically, it is an increas-
ing function of energy), and is close to Böhm-like (see Fig. 5 in
Blasi et al. 2005). This means that the spectral index of the parti-
cle distribution, 푝, can also be energy dependent due to the shock
modification process that occurs when DSA is efficient. This is a
major difference to the del Palacio et al. (2016) model where the
non-thermal particles are assumed to exert no back-reaction on the
thermal plasma.
The Blasi et al. (2005) shock acceleration model depends on
a number of parameters, such as the pre-shock velocity and Mach
number of the flow normal to the shock (푢0⊥ and 푀0⊥), and the
maximum and injected momenta of the particles (푝max and 푝inj).
The latter is set through the parameter 휒inj = 푝inj/푝th where 푝th is
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Non-thermal emission from a colliding wind binary 3
the momentum of particles in the thermal peak of the Maxwellian
distribution in the downstream plasma. 푀0⊥ depends on the pre-
shock gas temperature which we set to 푇0 = 10
4 K as appropriate
for photoionized stellar winds. 휒inj is a free parameter in Blasi
et al. (2005)’s model but, as suggested, we use a default value of
휒inj = 3.5.
Blasi et al. (2005)’s model assumes that the shock is parallel,
which means that the magnetic field is not amplified across the
shock. Nor does the magnetic field become dynamically important.
In reality, the orientation of the pre-shockmagnetic field will vary in
a complicated fashion over the WCR. For wide binaries, and where
the spin-axis of each star aligns with the orbital axis, perpendicular
shocks are expected at the apex of the WCR, but other regions of
the WCR may have quasi-parallel shocks. In addition, if the cosmic
rays strongly amplify the magnetic field the far upstream orientation
may become almost irrelevant. These complications are beyond the
current work: instead, we do not worry about shock obliquity except
to determine its effect on the pre-shock and post-shock velocities
normal to the shock, and we treat the shocks as being parallel along
their entire surfaces. The magnetic field strength in CWBs is also
typically very uncertain, so we treat the pre-shock magnetic field
as a free-parameter in the model: we set its strength through the
parameter 휁B = 푈B/푈KE, where 푈B and 푈KE = 0.5휌0푣
2∞ are the
pre-shock magnetic and kinetic energy densities, respectively, and
we require that 휁B < 1. The pre-shock magnetic flux density, 퐵0, is
then given by 퐵0 =
√
8휋푈B. Finally, we assume that the magnetic
field is not compressed across the shock, consistent with our use
of Blasi et al. (2005)’s model and the assumption that the shock is
parallel. In futureworkwewill considermagnetic field amplification
in our model.
Although Blasi et al. (2005)’s model is for parallel shocks,
it does depend implicitly on the pre-shock magnetic field, which
affects the value of 푝max. This is because the maximummomentum
of the non-thermal particles, 푝max, is set by the diffusion (escape) of
particles from the shock, where the diffusion length 푙diff = 푟shk/4,
and where 푟shk is the distance of the shock from the star. This gives
a maximum proton energy 퐸max = 푙diff푒퐵0푢0⊥/푐. An exponential
cut-off is then applied to the non-thermal proton spectrum at 푝max.
The non-thermal electron spectrum has its own maximummo-
mentum, 푝max,e, which is calculated by balancing the local ac-
celeration and loss rates, and is similarly truncated at high ener-
gies. Due to the strong inverse Compton cooling in these systems
푝max,e << 푝max. The non-thermal electron spectrum is normalized
to the non-thermal proton spectrum by setting 푓pe = 푒푝ratio 푓pp,
where 푓pe and 푓pp are the electron and proton particle distributions
and 푒푝ratio is the ratio of the electron to proton number density at
high energies. The particle distributions are typically calculated for
140 logarithmic bins in momentum space from 10−6 − 108 푚p푐.
2.3 The kinetic equation
The non-thermal particle spectrum downstream of the shock is cal-
culated by solving the kinetic equation. For a volume co-moving
with the underlying thermal gas, and ignoring diffusion, particle in-
jection and escape, the energy distribution 푛 ≡ 푑푁/푑퐸 as a function
of time 푡 and energy 퐸 is given by the continuity equation (Ginzburg
& Syrovatskii 1964; Blumenthal & Gould 1970)
휕푛(퐸, 푡)
휕푡
+
휕( ¤퐸푛(퐸, 푡))
휕퐸
= 0. (1)
The second term is an advection term in energy space due to cool-
ing processes (e.g. synchrotron, relativistic bremsstrahlung, inverse
Compton - see next subsection). This equation is valid when the
energy losses can be treated as continuous: if the particles lose a
large fraction of their total energy in a single collision then the
exact integro-differential equation must instead be used. However,
significant differences in the electron distributions only occur if
both the electron injection function and the ambient radiation field
are mono-energetic (Zdziarski 1989). If the target photon field is
a black-body the continuous energy losss approximation differs by
less than 20 per cent from the exact solution for electron energies
< 10TeV (Khangulyan & Aharonian 2005). This difference will be
further reduced due to the increasing importance of the continuous
synchrotron energy losses for the highest energy particles. A con-
tinuous treatment for the hadronic interactions is justified by the
large number of inelastic collisions that allow one to move from the
summation to an integral (Stecker 1971).
If we define the quantity 휏(퐸, 퐸 ′) as the time required to cool
from an energy 퐸 ′ to 퐸 (≤ 퐸 ′),
휏(퐸, 퐸 ′) =
∫퐸′
퐸
푑퐸 ′′
¤퐸(퐸 ′′) , (2)
then the evolved distribution at time 푡 of the immediate postshock
distribution 푛(퐸, 0) is
푛(퐸, 푡) =
¤퐸(퐸 ′)
¤퐸(퐸) 푛(퐸
′, 0), (3)
where 퐸 ′ satisfies 휏(퐸, 퐸 ′) = 푡 (cf. del Palacio et al. 2016). For a
given 퐸 and 푡 we determine 퐸 ′ using a standard numerical root-
finding technique. As noted earlier, Eq. 3 is evaluated along the
post-shock streamline at the shorter of the two time intervals for
either the maximum energy of the particles to decrease by 10 per
cent or for the flow to move into the next segment along the CD.
2.4 Cooling of the downstream non-thermal particles
Post-shock energy losses for the non-thermal electrons occur be-
cause of inverse Compton emission, synchrotron emission, rela-
tivistic bremsstrahlung, coulombic cooling and adiabatic cooling.
We assume that the energy loss is continuous and occurs in a fully
ionized plasma. Further details of the cooling are noted in App. A.
For the primary electrons, synchrotron cooling is always sub-
dominant to inverse Compton cooling in our models (in the Thom-
son regime their relative strength scales as 푈B/푈ph). The effect of
adiabatic cooling on the non-thermal electron distribution is usu-
ally seen most strongly at relatively low energies (the high energy
electrons cool rapidly through inverse Compton cooling before they
have had the opportunity to flow very far downstream - see Figs. 6
and 7).
The non-thermal proton distribution is also subject to cooling
as it flows downstream of the shocks, and in this work we consider
proton-proton pion production and adiabatic expansion, and again
assume that the energy loss is continuous. Since we only consider
acceleration of non-thermal protons in this work, we do not need to
consider the fragmentation of non-thermal nuclei (e.g. He nuclei)
due to collisions with either thermal ions or photons (the latter being
photodisintegration).
2.5 Non-thermal emission processes
For a specified upscattered photon energy we obtain the anisotropic
IC photon flux from each azimuthal patch by integrating over the
non-thermal particle distribution, the incident black-body photon
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4 J. M. Pittard et al.
distribution from each star, and the azimuthal and polar angles of
points on each stellar surface. The anisotropic inverse Compton
emission calculation follows Cerutti (2007) and Vila (2012)2, and
some details are noted in App. B1. Three rotations of the coordinate
system are used to convert a given line of sight into the coordinate
frame used in Fig. B2.
The relativistic bremsstrahlung emission from non-thermal
electrons colliding with thermal protons is calculated using the
prescription noted in App. B2. The 훾-ray emission from the decay
of neutral pions produced in collisions between thermal and non-
thermal protons is calculated in the delta functional approximation
using the prescription noted in App. B3.
2.6 Neglected processes
Our focus in this paper is the non-thermal X-ray and 훾-ray emission
up to 10GeV. As a result we do not calculate the synchrotron emis-
sion, which we do not expect to exceed energies of ∼ 103 − 104 eV
(seeEq. 4).We also do not include photon-photon absorption (which
is inefficient below incident photon energies of ∼ 10 − 100GeV),
or consider emission from the thermal particles. Finally, we do not
consider the formation of, and emission from, secondary particles.
Each of these processes will be examined in future work.
2.7 Standard parameters
In keepingwith previous studies (Dougherty et al. 2003; Pittard et al.
2006) we examine the emission from a “standard” CWBmodel of a
WR+O systemwith the parameter values as noted in Table 1.We re-
fer to theWR star as the “primary” and theO star as the “secondary”.
The wind momentum ratio, 휂 = ¤푀O푣∞,O/ ¤푀WR푣∞,WR = 0.1, and
the distance of the stagnation point from the WR and O star is
respectively 푟WR = 0.74퐷 and 푟O = 0.26퐷. Fig. 1 displays the
structure of the CD corresponding to 휂 = 0.1 as in our standard
system.
With such parameters the WCR is largely adiabatic, which
means that the global shocks that decelerate each wind stand-off
from the CD by some significant distance. However, we repeat that
for the purposes of this work we assume that the global shocks and
the CD are coincident. We also assume that the winds are composed
of pure hydrogen for theDSAmodel, but temperatures are calculated
assuming that the average particlemass for bothwinds is 휇 = 0.6푚H
(i.e. solar abundances). Pre-shock wind temperatures of 104 K are
assumed. The WR star is located at (푧, 푟) = (0, 0) while the O-star
is at (푧, 푟) = (퐷, 0). We assume that 휁B = 10
−3 and 휒inj = 3.5.
The pre-shock density and Mach number of both winds at
the stagnation point are 휌0 = 2.2 × 10−19 g cm−3 and 푀0⊥ =
132. The pre-shock kinetic energy density, 푈KE = 0.5휌0푣
2 =
4.4 × 10−3 erg cm−3. The pre-shock magnetic energy density,
푈B = 휁B푈KE = 4.4 × 10−6 erg cm−3, giving 퐵0 = 0.01G. The
total photon energy density (from both stars) at the stagnation point
is 푈ph = 0.021 erg cm
−3. The maximum proton momenta at the
WR-star shock and at the O-star shock are 푝max = 8.5 × 103mpc
and 2.7 × 103mpc, respectively. The WR-shock accelerates parti-
cles up to higher energies because the incoming wind has a greater
2 These theses are available at http://citeseerx.ist.psu.edu/
viewdoc/download?doi=10.1.1.1019.4046&rep=rep1&type=pdf
and at https://inis.iaea.org/search/search.aspx?orig_q=RN:
46026940.
 0 0.2 0.4 0.6 0.8 1 1.2  0  0.5  1  1.5  2=110.5o=99.5o=73.5o =0=90=180r/D
z/D
Figure 1. The position of the contact discontinuity (CD) in our standard
model. The primary star is indicated by the red circle, and the secondary star
by the blue circle. Note that the stars are not drawn to scale. The stagnation
point of the WCR is at (푧, 푟 ) = (0.74, 0.0)퐷. 휃 is the angle between the
line of centres between the primary and secondary stars and a position on
the CD, as measured from the secondary star. Marks along the CD indicate
the centre of segments of 푑휃 = 1◦ width as seen from the secondary star.
The mark that is furthest downstream corresponds to the 111th segment
(휃 = 110.5◦ at its centre). The viewing angle 휙 indicates the angle of the
line of sight to the observer. The secondary star is in front when 휙 = 0◦, the
system is at quadrature when 휙 = 90◦, and the primary star is in front when
휙 = 180◦. For most of our calculations we adopt 휙 = 90◦. For the purpose
of our model we assume that the global shocks which decelerate each wind
are coincident with the CD.
radius of divergence (i.e. it is more planar) than the O-star wind
impinging on the O-star shock.
The maximum electron Lorentz factor from each shock is
훾max,e ≈ 5×106 (푝max,e ≈ 2700mpc), and is slightly higher for the
WR-star shock than for the O-star shock. In the former case it is lim-
ited by inverse Compton cooling, while in the latter case it is limited
by the maximum energy of the protons. The treatment of 푝max and
푝max,e in the current work is significantly different compared to our
previous work where it was assumed that 푝max = 푝max,e, and that
these values were the same for both shocks and along each shock
(Dougherty et al. 2003; Pittard et al. 2006; Pittard & Dougherty
2006). In this sense our new calculations are more realistic.
For our standard parameters, and with the assumption that the
post-shock magnetic field strength is equal to the pre-shock value,
we find that synchrotron cooling is always sub-dominant to inverse
Compton cooling for the primary electrons - see Fig. 6. However,
synchrotron cooling could become dominant in situations where
the magnetic field is compressed. This will be examined further in
future work.
Synchrotron emission also occurs mostly below the energy
range that is of interest to the current work. The synchrotron emis-
sion from a single non-thermal electron cuts off at energies above
퐸 =
3ℎ훾2e 푒퐵 sin훼
4휋푚e푐
. (4)
With 훾max,e = 5 × 106 and sin훼 = 1 this gives 퐸 ≈ 4.3 × 105퐵 eV.
The pre-shock (and post-shock) magnetic field strength in our
standard model at the apex of the WR-star and O-star shocks is
퐵0 = 0.01G, which gives 퐸 = 4200 eV. In this paper we do not
calculate the synchrotron emission (as our focus is on the keV-GeV
energy range).
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Non-thermal emission from a colliding wind binary 5
Table 1. The stellar parameters used in our standard model. Both stars
are assumed to have an effective temperature 푇 = 40, 000K. The stellar
separation, 퐷 = 2 × 1015 cm.
Parameter WR star O star
¤푀 (M⊙ yr−1 ) 2 × 10−5 2 × 10−6
푣∞ ( km s−1 ) 2000 2000
퐿 ( L⊙) 2 × 105 5 × 105
3 RESULTS
We begin by examining various quantities along each shock. We
then examine the distribution of non-thermal particles, and finally
investigate how the predicted emission changes as various param-
eters are altered. Unless otherwise noted we adopt our “standard”
parameters, in which the stellar separation 퐷 = 2 × 1015 cm, and
the viewing angle 휙 = 90◦ (i.e. the line-of-sight is perpendicular to
the line-of-centres between the stars - see Fig. 1).
3.1 The standard model
3.1.1 Quantities along each shock
Fig. 2 shows various quantities from our standard model as a func-
tion of angle, 휃, along the CD as measured from the secondary star
(휃 = 0◦ corresponds to the stagnation point of the WCR on the
line-of-centres between the stars, while 휃 = 90◦ indicates a point
on the CD where 푧 = 퐷). The maximum value of 휃 is 180 degrees
minus the half-opening angle of the WCR. For our standard pa-
rameters, 휃max ≈ 130◦. 푟, 푧 and 푙, the distance along the CD from
the stagnation point, increase rapidly as 휃 approaches its maximum
value.
Fig. 2b) shows the perpendicular pre-shock WR- (solid-line)
and O- (dashed line) wind velocity as a function of 휃. At the stagna-
tion point the winds collide head-on and 푢0⊥ is equal to the terminal
wind speeds. As one moves off-axis the shocks become gradually
more oblique (the WR-shock becomes more oblique more rapidly),
and the perpendicular pre-shock velocity decreases, reaching zero
when 휃 = 휃max.
Fig. 2c) shows the pre-shock WR- (solid-line) and O- (dashed
line) wind density as a function of 휃. Both densities are identical
at the stagnation point (휌0 = 2.2 × 10−19 g cm−3) due to the fact
that the winds collide at the same speed. The pre-shock WR wind
density falls off more slowly with increasing 휃 than the pre-shock
O wind density. Since the pre-shock wind temperatures are fixed
at 104 K, the pre-shock wind pressures in Fig. 2d) show the same
behaviour with 휃 as the pre-shock wind densities. Similarly, the
pre-shock perpendicular Mach number of each wind behaves in the
same way as the pre-shock perpendicular wind speeds (compare
Fig. 2b and e). The on-axis pre-shock perpendicular Mach number
is 푀0⊥ = 132.
The maximum non-thermal proton momentum at each shock
is shown in Fig. 2f). 푝max is nearly 10
4mpc for the WR shock and
declines off-axis. The value of 푝max is about 4 times smaller for the
O shock due to the reduced distance of the shock from the star (see
Sec. 2.2).
Fig. 2 showed various pre-shock parameters, including some
that are needed for the Blasi et al. (2005) DSA model. In Fig. 3
we show various outputs from Blasi et al. (2005)’s model. Fig. 3a)
shows 푅tot, the shock total compression ratio. Strong shocks in gas
with a ratio of specific heats 훾 = 5/3 have a compression ratio of 4,
but 푅tot can increase significantly when DSA efficiently accelerates
non-thermal particles that then escape upstream from the shock.
This is indeed the case in our standard model, where we see that
푅tot reaches values of order 40
3. The lower value of 푝max on the
line-of-centres for the O shock causes 푅tot to be slightly lower than
for the WR shock. 푅tot decreases with increasing 휃 as the shocks
become more oblique, and 푢0⊥, 푀0⊥ and 푝max all decline.
Fig. 3b) shows the compression ratio across the sub-shock,
푅sub. The sub-shock is a discontinuity in the overall shock structure.
푅sub is ≈ 3.5 for both theWR and O shock and decreases slightly as
휃 increases, before falling rapidly as 휃 → 휃max. The sub-shock, plus
any shock-precursor, is responsible for heating the thermal plasma.
The post-shock thermal, 푃g, and non-thermal, 푃c, particle
pressure is shown in Fig. 3c). It is clear that 푃c exceeds 푃g by
a factor of 100 at the shock apex. This difference reduces as 휃 in-
creases, until at large 휃 the value of 푃c drops to a value similar to
that of 푃g as DSA becomes less efficient.
In Fig. 3d) we see the variation with 휃 of the fraction of the
incomingWR-wind kinetic energy flux that is advected downstream
in non-thermal particles, 퐹adv. Also shown is the fraction that is
carried upstream by escaping non-thermal particles, 퐹esc, and the
total non-thermal particle flux (퐹tot = 퐹adv + 퐹esc). Due to the
efficient DSA that occurs over most of the shocks, 퐹tot ≈ 1.0,
and 퐹esc > 퐹adv. Only once 휃 ∼> 90◦ does the efficiency drop. At
휃 = 0◦, 퐹tot = 0.992, while 퐹tot = 0.9 and 0.5 at 휃 = 116◦ and 125◦,
respectively. Fig. 3e) shows the same quantities for the O shock.
The same general behaviour is seen, though the shock stays efficient
out to slightly higher values of 휃 (in this case 퐹tot = 0.9 and 0.5 at
휃 = 120◦ and 126◦). Our results can be compared against Fig. 10 in
Blasi et al. (2005) where these quantities are shown as a function of
the shock Mach number.
The maximum electron Lorentz factor is shown in Fig. 3f) for
the two shocks. Both shocks have values of 훾max,e ≈ 5 × 106 on
the line-of-centres, and this value drops only slightly as 휃 increases.
Only once past 휃 ≈ 100◦ does it begin to drop more rapidly. Thus
the assumption of a constant value of 훾max,e in our previous work
(Dougherty et al. 2003; Pittard et al. 2006; Pittard & Dougherty
2006) was a reasonably good one. The value of 훾max,e in our models
is strongly dependent on 퐷 and 퐵0.
3.1.2 The particle distributions
Figs. 4 and 5 show the distributions of the thermal and non-thermal
particles immediately downstream of the shock. In each figure the
top two lines are the proton distributions, while the bottom two are
the electron distributions. The particle distributions are shown for
the WR shock (solid line) and the O shock (dashed line). Fig. 4
shows the distributions for 휃 = 0◦, while Fig. 5 shows them for
휃 = 110◦. In all cases the distributions clearly show strong shock
modification, with most of the energy pushed towards the highest
momenta. As previously noted, the maximum proton momentum is
lower at the O shock than at the WR shock. The positions of the
thermal peak also indicates the effect of cooler downstream thermal
particles for modified shocks.
The cooling timescale for electrons (푡cool = 퐸/| ¤퐸 |) for the var-
ious energy-loss mechanisms is shown in Fig. 6. The electrons are
assumed to be located near the apex of the WCR (specifically, they
3 Less extreme compression ratios are achieved when the dynamical feed-
back of the magnetic field amplification is considered (see, e.g., Caprioli et
al. 2009).
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Figure 2. Selected quantities along the CD as a function of the angle 휃 from the secondary star. Panel a) shows the 푟 and 푧 position of the CD segment,
and the distance 푙 along the CD. Panels b-e) show the pre-shock perpendicular wind velocity, density, thermal gas pressure, and perpendicular Mach number,
respectively, while panel f) shows the maximum non-thermal proton momentum. In panels b-f) the solid line indicates the properties for the WR-star shock,
while the dashed line indicates the properties for the O-star shock.
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Figure 3. Selected quantities along the CD as a function of the angle 휃 from the secondary star. Panels a-c) show the total compression ratio of the shock, the
compression ratio of the sub-shock, and the post-shock pressure from non-thermal (푃c) and thermal (푃g) particles, respectively. Panel d) shows the advected
(퐹adv), escaping (퐹esc), and total non-thermal particle flux, normalised to the incoming kinetic energy flux, for theWR-star shock. Panel e) shows the equivalent
for the O-star shock. Panel f) shows the maximum Lorentz factor of the non-thermal electrons from each shock. In panels a-c) and f) the solid line indicates
the properties for the WR-star shock, while the dashed line indicates the properties for the O-star shock.
are immediately behind theWRshock at 휃 = 0.5◦). The cooling time
is dominated by different mechanisms in different energy ranges. At
the lowest energies, losses due to Coulomb scattering dominate,
whereas inverse Compton cooling takes over for 퐸 ∼> 10MeV. At
the highest energies shown inverse Compton cooling loses its domi-
nance as its cross section reduces and synchrotron cooling becomes
dominant at energies above ∼ 1TeV. The relative strength of the
inverse Compton and synchrotron cooling depends on a number of
the model parameters, including 퐿WR, 퐿O, 퐷, the pre-shock mag-
netic field, 퐵0, and the amount of compression/amplification of the
magnetic field.
The downstream cooling of the non-thermal electron distribu-
tion from the WR shock at 휃 = 0.5◦ is shown in Fig. 7. Inverse
Compton cooling dominates the cooling of the high energy elec-
trons, while coulombic cooling dominates at low energies. The
properties of the distributions are noted in Table 2. Because the
post-shock tangential velocity is low (the wind collides almost nor-
mal to the shock) it takes a long time for the streamline to increase
its value of 휃 (which it can do only in 1◦ steps). By the time of the fi-
nal distribution shown the particles have flowed downstream a total
distance of 0.015퐷, taking 1.3 × 107 s to do so. In the code, the fi-
nal distribution shown is actually the 158th distribution stored along
this streamline (i.e., the cooling is resolved very well), and a total
of 172 distributions are calculated and stored along this streamline.
3.1.3 The non-thermal emission
Fig. 8 shows the non-thermal emission fromour standardmodel. The
inverse Compton emission is dominant for 퐸 ∼< 1GeV, while 휋0-
decay emission becomes comparable in strength at higher energies.
The emission from relativistic bremsstrahlung is always at least an
order of magnitude fainter than the inverse Compton emission. Both
shocks contribute roughly equally to the inverse Compton emission,
though the relativistic bremsstrahlung and 휋0-decay emission from
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Figure 4. The proton and electron distributions for theWR shock (solid line)
and O shock (dashed line) for 휃 = 0◦. For both shocks 푛0 = 1.3×105 cm−3.
The thermal peaks are visible at low momenta.
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Figure 5. The proton and electron distributions for the WR shock (solid
line) and O shock (dashed line) for 휃 = 110◦. For the WR shock 푛0 =
2.0 × 104 cm−3, while for the O shock 푛0 = 4.2 × 103 cm−3.
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Figure 6.The cooling time 푡cool = 퐸/ | ¤퐸 | as a function of electron energy for
electrons located immediately post-WR-shock for 휃 = 0.5◦ in the “standard”
model with 퐷 = 2 × 1015 cm. The parameters are 푛e = 5 × 105 cm−3,
푇 = 4 × 104 K, 퐵 = 0.01G, 푅 = 1.5 × 1015 cm, 푣 = 푣CD = 0.8 km s−1 .
Coulomb cooling dominates at low energies, synchrotron cooling dominates
at high energies, and inverse Compton cooling dominates at intermediate
(10MeV−2 TeV) energies.
10
35
10
36
10
37
10
-4
10
-3
10
-2
10
-1
10
0
10
1
10
2
10
3
10
4
10
5
1
7
Predominantly
IC coolingPredominantlycoulombic cooling
Predominantly
adiabatic cooling(p/m pc)4  f(p)
p (mpc)
Figure 7. The downstream cooling of the electron distribution of the WR
shock for 휃 = 0.5◦. The immediate post-shock distribution is the top-
most line (labelled “1”), and the distribution shifts downwards and inwards
with increasing cooling. Some properties of each distributions are noted in
Table 2. 퐷 = 2 × 1015 cm.
Table 2.The properties of the distributions shown in Fig. 7. The distributions
are numbered from 1 to 8, with the amount of cooling increasing with the
distribution index. The value of 휃 , the arc-length along the CD from the
stagnation point, and the elapsed time since the shock are noted.
Index 휃 (◦) 푙/퐷 푡 (s)
1 0.5 1.0 × 10−6 2670
2 0.5 6.5 × 10−6 1.7 × 104
3 0.5 3.6 × 10−5 9.4 × 104
4 0.5 1.5 × 10−4 4.0 × 105
5 0.5 6.1 × 10−4 1.6 × 106
6 0.5 9.6 × 10−4 2.5 × 106
7 1.5 4.3 × 10−3 7.4 × 106
8 3.5 0.015 1.3 × 107
the WR-star shock is about twice as bright as that from the O-star
shock. The O-star shock has brighter inverse Compton emission at
energies above 10MeV than the WR-star shock. The signature of
strong shock modification is visible as the curvature in the inverse
Compton and relativistic bremsstrahlung emission which leads to
increased flux at higher energies. Detection of such curvature from
actual systems would indicate strong shock modification.
3.2 Effect of binary separation and downstream cooling
We now examine how the non-thermal particle distributions and
the resulting emission changes when the stellar separation, 퐷, is
altered.
3.2.1 Expected scaling
If the cooling timescale of the post-shock thermal particles (푡cool,th)
is long compared to their dynamical timescale to flow out of the
system (푡dyn), then theWCRbehaves self-similarly, and its volume푉
scales as 퐷3. In such circumstances the total emission from thermal
particles, with number density 푛th, scales as 퐿th ∝ 푛2th푉 ∝ 퐷−1
(Stevens et al. 1992).
We now consider how the non-thermal emission should scale.
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Figure 8. The non-thermal emission from each shock from our standard
model. 퐷 = 2 × 1015 cm and 휙 = 90◦. The black lines show the emission
from the WR-star shock, while the red lines show it from the O-star shock.
The non-thermal particle density, 푛NT, scales as 퐷
−2. If the non-
thermal particles also do not strongly cool (i.e. their cooling
timescale 푡cool,NT ∼< 푡dyn), then they fill the WCR, and so the
volume that they occupy scales as 퐷3. For the inverse Compton
emission, the number density of stellar photons, 푛ph, also scales as
퐷−2, so we expect 퐿IC ∝ 푛NT푛ph푉 ∝ 퐷−1. We also expect the
relativistic bremsstrahlung and the 휋0-decay emission to both scale
as 푛th푛NT푉 ∝ 퐷−1.
Now consider the situation where the thermal gas in the WCR
is largely adiabatic but where there is very rapid cooling of the
non-thermal particles. As noted by Hamaguchi et al. (2018), the
cooling length 푙cool,NT ∝ 퐷2, so the “volume” that the non-thermal
electrons occupy prior to being cooled below some energy limit
(푉NT < 푉) is given by the area of the shocks (퐴 ∝ 퐷2) multiplied
by the cooling length: i.e. 푉NT = 퐴 푙cool,NT ∝ 퐷4. In such cases we
expect the non-thermal emission to scale as 퐷0.
We expect 푝max to be independent of 퐷, since 푝max ∝ 푟shk퐵0,
with 푟shk ∝ 퐷 and 퐵0 ∝ 푈1/2B ∝ 푈
1/2
KE
∝ 휌1/2
0
∝ 퐷−1. On the other
hand, 푝max,e, may depend on the strength of the inverse Compton
cooling. By balancing the rate of energy gain through DSA with the
rate of energy loss through inverse Compton cooling, we find that
in such cases 푝max,e ∝ 푟shk퐵1/20 ∝ 퐷1/2 (see, e.g., Pittard et al.
2006). We find the same scaling of 푝max,e with 퐷 if instead 푝max,e
depends on synchrotron cooling.
3.2.2 The particle distributions
Fig. 9 compares the on-axis (휃 = 0◦) post-shock particle distribu-
tions for the WR shock for 퐷 = 2 × 1014 cm and 퐷 = 2 × 1015 cm,
normalized to the pre-shock number density. Because푀0⊥, 푢0⊥ and
푝max are all independent of퐷, the (normalized) proton distributions
are identical for the two distances. However, the electron distribution
is cut off at a lowermaximummomentumwhen퐷 = 2×1014 cm due
to the enhanced inverse Compton cooling. We find that 푝max ∝ 퐷0
and 푝max,e ∝ 퐷1/2 as expected.
3.2.3 The non-thermal emission
Before we examine the effect on the non-thermal emission of vary-
ing 퐷, it is helpful to examine the effect of downstream cooling on
the non-thermal emission for our standardmodel (퐷 = 2×1015 cm).
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Figure 9. The proton and electron distributions for the on-axis WR shock
as a function of 퐷. The solid lines have 퐷 = 2 × 1015 cm, while the dashed
lines have 퐷 = 2 × 1014 cm. The solid and dashed lines are coincident for
the proton distributions when normalised by the pre-shock number density.
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Figure 10. The effect of cooling on the downstream non-thermal particles
and their subsequent emission. The red lines include only adiabatic cool-
ing, while the black lines include all cooling processes considered in this
work (adiabatic, coulombic, inverse Compton, synchrotron and relativis-
tic bremsstrahlung cooling for the electrons; adiabatic and proton-proton
cooling for the protons). 퐷 = 2 × 1015 cm and 휙 = 90◦.
This is indicated in Fig. 10, where the difference between the red
and black lines shows the effect of including all the cooling pro-
cesses noted in Sec. 2.4 versus considering only adiabatic cooling).
The high energy electrons cool strongly due to IC emission while
the lower energy electrons cool through coulombic collisions. Cool-
ing of the non-thermal electrons reduces the inverse Compton and
relativistic bremsstrahlung emission at GeV energies by ∼ 1 dex.
In contrast, there is little cooling of the non-thermal protons, as
evidenced by the almost unchanged 휋0-decay emission.
The inverse Compton emission from particles along the single
휃 = 0.5◦ streamline from the WR-shock is approximately flat in the
퐸2푁 spectrum at 10MeV, with an upward curvature with increasing
energy due to the strongly modified nature of the shock. In contrast,
Fig. 10 shows that there is a slight rise in the inverse Compton
emission at 10MeV (see the solid black line). This rise is caused
by higher energy breaks in the electron distributions along the other
streamlines.
The effect of downstream cooling on the non-thermal emission
for a model with reduced binary separation (퐷 = 2 × 1014 cm) is
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Figure 11. As Fig. 10 but for 퐷 = 2 × 1014 cm. 휙 = 90◦.
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Figure 12. The effect of binary separation on the non-thermal emission.
Only adiabatic cooling of the downstream non-thermal particles has been
applied. The black lines are for 퐷 = 2 × 1015 cm and the red lines are for
퐷 = 2 × 1014 cm. 휙 = 90◦.
shown in Fig. 11. Compared to Fig. 10 we see that the effect of
cooling has strengthened, as expected given the reduced separation.
Fig. 12 shows the effect of binary separation on the non-thermal
emission if only adiabatic cooling is applied to the downsteam non-
thermal particles. We see that all emission processes scale as 퐷−1,
as expected.
Finally, Fig. 13 shows the effect of binary separation on the
non-thermal emission if cooling is fully applied to the downsteam
non-thermal particles. We now find that the previous 퐷−1 scaling
of the inverse Compton and relativistic bremsstrahlung emission
disappears and the changewith퐷 becomesmuch reduced. However,
the emission from 휋0-decay still varies strongly (and almost as퐷−1),
again illustrating that the non-thermal protons do not undergo strong
downstream cooling.
This behaviour contrasts with some other modelling work in
the literature. For instance, Figs. 12 and 13 in Reimer et al. (2006)
show the relativistic bremsstrahlung and 휋0-decay 훾-ray spectra
from the acceleration region in their model scaling roughly as 퐷−4.
Unfortunately the scaling behaviour of the total emission (from
the acceleration and convection region combined) is not shown.
Likewise, the flux variations in Models A-C in Fig. 10 of Reitberger
et al. (2014b) show no sign of becoming independent of 퐷, despite
the close-ish separations. We note that Reitberger et al. use a fixed
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Figure 14. The effect of binary separation on the inverse Compton emission.
Data points are shown at four energies: 103, 105, 107, and 109 eV. 휙 = 90◦.
size for their computational volume. A plausible explanation for
their results is that a a greater fraction of the total emission was
“missed” from the model with the wider stellar separation.
Fig. 14 shows how the inverse Compton emission changes with
stellar separation. At low energies and large separations the slope
of the lines is ≈ −1, indicating that the responsible particles fill
the WCR (i.e. they are not strongly cooling as they flow away from
the shock). However, cooling becomes increasingly important as
퐷 decreases. The emission at 103 and 105 eV no longer scales as
퐷−1, but still scales to some inverse power. In contrast, at the higher
energies we find that the flux reaches a maximum at an intermediate
value of 퐷, and then decreases as 퐷 becomes still smaller. This
is caused by 푝max,e decreasing with decreasing 퐷, which has the
knock-on effect that the fluxes begin to be affected by the exponential
cut-off of the non-thermal electron particle distribution.
Fig. 15 shows the effect of changing the binary separation on
the 휋0-decay emission at 109 eV. At large 퐷 we again see that the
flux scales as 퐷−1, but again witness a turndown in this slope as
퐷 decreases. It is clear that cooling of the downstream non-thermal
protons starts to become significant for 퐷 ∼< 1014 cm.
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Figure 15. The effect of the binary separation on the 휋0-decay emission at
109 eV.
3.2.4 Comparison to observations
At the time of writing the strongest evidence for orbital variability
of non-thermal X-ray and 훾-ray emission comes from Fermi obser-
vations of 휂Carinae. Balbo & Walter (2017) find that of the two
emission components seen by Fermi, the flux of the low-energy
(0.3−10GeV) component is modulated by the orbit, being stronger
near periastron and weaker at apastron. Overall, it varies by less
than a factor of 2. This component is likely inverse Compton emis-
sion, and it is probably not significantly affected by photon-photon
absorption. On the other hand, the high-energy (10−300GeV) com-
ponent varies by a factor of 3 − 4 and is different during the two
periastrons that are observed (see their Fig. 5). This component
is likely emission from 휋0-decay and will be strongly affected by
photon-photon absorption.
In contrast, Fig. 14 shows that at 퐸 = 109 eV, the inverse
Compton flux in our model increases by a factor of ≈ 5 when
퐷 increases from 2 − 20 × 1013 cm (for 휂Car, 퐷 = 2.3 − 44 ×
1013 cm between periastron and apastron). Thus the flux is our
model behaves the opposite way to the observed emission from
휂Car,which decreaseswith increasing퐷. Itwill be interesting to see
if these differences can be reconciled with a dedicated application
of our model to 휂Car (the modelling in Balbo & Walter (2017) is
able to reproduce the variation, to first order).
3.3 Effect of observing angle
We now examine the effect on the non-thermal emission of chang-
ing the observing angle. Because no absorption processes are in-
cluded in the currentmodel only the anisotropic nature of the inverse
Compton emission affects the observed non-thermal emission. This
is shown in Fig. 16. Since our model is axisymmetric, changing only
the observing angle covers any orientation of the system relative to
the observer. At an observing angle 휙 = 0◦ the secondary star is in
front, quadrature is at 휙 = 90◦, and the primary star is in front at
휙 = 180◦. The strongest emission occurs when the secondary star is
in front, while the weakest emission occurs when the primary star
is in front. This agrees with expectations since the secondary star is
the major source of incident photons and is closest to the WCR.
There is not much change in the emission when one of the stars
is within ∼ 30◦ from being directly in front. This is likely due to the
fact that the asymptotic half-opening angle of the WCR for 휂 = 0.1
is ≈ 50◦ (Pittard & Dawson 2018), so that the line of sight is still
within the shock cone for this range of viewing angle. We find that
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Figure 16. The effect of the observing angle on the inverse Compton emis-
sion. The standard model has 휙 = 90◦. At 휙 = 0◦ the secondary star is in
front, while the primary star is in front when 휙 = 180◦. 퐷 = 2 × 1015 cm.
it is only when the line of sight moves outside of the shock cone that
the emission become more sensitive to changes in viewing angle.
The overall variation is about a factor of 3.5 (as measured at
퐸 = 1MeV). This is much lower than in other work (e.g. Reimer et
al. 2006; Dubus et al. 2008) which we attribute to the way that the
WCR wraps around the secondary star in our model. Although the
stars are almost point-like on this scale the spatial distribution of
the non-thermal particles is anything but. The part of the wind-wind
collision region that experiences a photon flux from the secondary
star that is within a factor of 3 of the peak flux that occurs at the
apex extends to 휃 ≈ 73◦. This region covers 36 per cent of the sky
as seen from the O-star and has the effect of substantially reducing
the change in IC emission with the viewing angle. The presence of
the WR star also reduces the level of variability in our model.
3.4 Effect of varying the magnetic field strength
In themodel we are free to set the strength of the pre-shockmagnetic
field. This is controlled through the value of 휁B. Our standard model
has 휁B = 10
−3. Fig. 17 shows the effect of changing 휁B within the
range 10−4 ≤ 휁B ≤ 10−2. Lower values of 휁B imply a lower pre-
shockmagnetic flux density, 퐵0, which in turn reduces themaximum
momentum that the non-thermal protons reach (푝max ∝ 퐵0 ∝ 휁1/2B ).
This can dramatically affect the efficiency of the DSA, and can
significantly alter the shape of the non-thermal particle spectrum.
3.5 Effect of varying the injected particle momentum
A second free parameter in the DSA model is 휒inj, which controls
the momentum of the injected particles. The effect on the post-
WR-shock non-thermal particle distributions of setting 휒inj = 2.0 is
shown in Fig. 18. Both distributions see an increase in the number of
non-thermal particles from the thermal peak up tomomenta of order
mpc, but show little change above this. The variation in the proton
distribution is comparable to the differences seen when different
methods are used to calculate the DSA (see, e.g., Fig. 1 in Caprioli
et al. 2010).
The effect on the non-thermal emission of varying 휒inj is shown
in Fig. 19.We see that the inverse Compton emission becomes softer
as 휒inj decreases. This is because more electrons with 푝 < mpc (i.e
with 훾 ∼< 103) take part in the DSA. Because the 휋0-decay emission
is produced by non-thermal protons that exceed the threshold energy
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Figure 17. The effect of the pre-shock magnetic flux density on the inverse
Compton emission. The standard model has 휁B = 10
−3. 퐷 = 2 × 1015 cm
and 휙 = 90◦.
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Figure 18. The effect of the injected particle momentum on the proton and
electron distributions for the on-axis WR shock as a function of 휒inj. The
solid lines have 휒inj = 3.5 (the standard model), while the dashed lines have
휒inj = 2.0. 퐷 = 2 × 1015 cm.
of 1.22GeV (see App. B3), it is not sensitive to the changes in the
non-thermal proton distribution that occur for 푝 < mpc.
3.6 Effect of varying the wind momentum ratio
Our standard model has a wind momentum ratio 휂 = 0.1. To exam-
ine the resulting non-thermal emission when 휂 = 0.01 we reduce
the mass-loss rate of the secondary star. This change means that
there is less energy in the winds that can ultimately be turned
into non-thermal emission. However, several effects act together.
Firstly, while less of the primary wind is shocked, a greater fraction
of the (weaker) secondary wind is shocked. Secondly, the WCR
moves closer to the secondary star. Since the wind speeds have not
changed this means that the on-axis pre- and post-shock density of
the primary and secondary wind both decline, as does the pre-shock
magnetic flux density. However, the photon flux from the secondary
star at the apex of the WCR increases. The maximum non-thermal
proton momentum at the on-axis point of the WR shock remains
unchanged (푝max = 8.5×103mpc), but reduces at the on-axis point
of the O shock to 푝max = 8.5×102mpc. Themaximum non-thermal
electron momentum at the apex of both shocks is 푝max,e = 340mpc,
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Figure 19. The effect of the injected particle momentum on the non-thermal
inverseCompton and 휋0-decay emission. The standardmodel has 휒inj = 3.5.
퐷 = 2 × 1015 cm and 휙 = 90◦.
corresponding to 훾max,e = 6.3× 105 and a reduction of about a fac-
tor of 8 from the standard model. Finally, the WCR changes shape
through a reduction in the asymptotic opening angle.
Fig. 20 shows the effect of reducing the wind momentum ratio,
휂, on the emission that would result if the non-thermal particles
were allowed only to undergo adiabatic cooling downstream of the
shocks. It shows that all three types of emission are reduced when
¤푀O is reduced. Thus the reduced strength of the combined winds
dominates over other factors (e.g., the enhanced photon flux from
the secondary star at the apex of the WCR). The fact that there
is less of a reduction to the inverse Compton emission than to
the relativistic bremsstrahlung and 휋0-decay emission is consistent
with the enhanced secondary star photon flux at theWCR somewhat
offsetting the other factors noted above that act to reduce the flux.
The reduction in 훾max,e as 휂 is reduced also affects the position
of the high-energy turnover of the inverse Compton emission (not
clearly visible in Fig. 20).
Fig. 21 shows the effect on the non-thermal emission of reduc-
ing 휂, with the cooling of the non-thermal particles downstream of
the shocks fully applied. The greater reduction in the inverse Comp-
ton emission with 휂 compared to the case where the downstream
non-thermal particles undergo only adiabatic cooling (see Fig. 20)
highlights the enhanced secondary star photon flux in this case.
4 SUMMARY AND CONCLUSIONS
We have created a new model for the non-thermal emission from
colliding-wind binaries. Our model uses the Blasi et al. (2005)
model to solve the diffusive shock acceleration of the particles
at the global shocks. We confirm earlier work that DSA is very
efficient with our chosen parameters and assumptions, leading to
significantly modified shocks. This is the first CWB model that
self-consistently includes shock modification.
We find a complicated dependence for the scaling of the non-
thermal flux with the binary separation, 퐷. If the non-thermal
particles suffer little cooling when flowing downstream from the
shocks the inverse Compton, relativistic bremsstrahlung and 휋0-
decay emission all scale as 퐷−1. This occurs most readily at wide
separations and/or from leptonic emission from lower energy par-
ticles. However, when 퐷 decreases, the cooling of the non-thermal
particles increases, and simple arguments indicate that the emis-
sion should plateau at a maximum value, becoming independent
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Figure 20. The effect of the wind momentum ratio, 휂, on the non-thermal
emission, if only adiabatic cooling of the non-thermal particles takes place
downstream of the shock. The black lines are for 휂 = 0.1, and the red lines
are for 휂 = 0.01. 퐷 = 2 × 1015 cm and 휙 = 90◦.
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Figure 21. The effect of the wind momentum ratio, 휂, on the non-thermal
emission. The black lines are for 휂 = 0.1, and the red lines are for 휂 = 0.01.
퐷 = 2 × 1015 cm and 휙 = 90◦.
of 퐷. The 휋0-decay emission and the lower-energy inverse Comp-
ton emission behaves this way, but we observe more complicated
behaviour for higher-energy inverse Compton emission where the
emission actually peaks at an intermediate value of 퐷 and thereafter
declines as 퐷 decreases further. This behaviour is caused by 푝max,e
also decreasing with 퐷. In real systems we may expect additional
effects caused by variations in the pre-shock wind velocities with
퐷.
We also find that the anisotropic inverse Compton emission
shows only a moderate variation with viewing angle due to the
spatial extent of the wind-wind collision. For a system with a wind
momentum ratio of 0.1 we find that the variation with viewing angle
is limited to a factor of ≈ 3.5.
Reducing the wind momentum ratio from 휂 = 0.1 to 휂 = 0.01
(by reducing the value of ¤푀2) leads to a reduction in the non-
thermal emission due to the weaker wind-wind collision, though
the inverse Compton emission does not decline as much as the
relativistic bremsstrahlung and 휋0-decay emission because in our
model the stellar photon flux at the apex of the WCR increases
(however, in real systems the luminosity of the secondary star may
reduce too).
The first application of our newmodel is presented inMossoux
et al. (2020), where it is compared against NuSTAR data on
CygOB2No.8A, a O6 I + O5.5 III system with a 21.9 d period and a
slightly eccentric orbit (푒 ∼ 0.2). In future we will apply our model
to other particle-accelerating CWB systems, such as 휂Car, 훾2 Vel,
and those in the catalogue of De Becker & Raucq (2013).
This is an exciting time for research into the non-thermal X-
ray and 훾-ray emission from CWBs, with detections at TeV ener-
gies expected by the future Cherenkov Telescope Array (CTA; see
Chernyakova et al. 2019). Future improvements to our model will
include calculations of the thermal free-free and synchrotron emis-
sion, the creation of and emission from secondary particles, and
the addition of free-free and photon-photon absorption. Radiative
inhibition (Stevens & Pollock 1994) and braking (Gayley, Owocki
& Cranmer 1997), and orbital effects (Pittard 2009), will also be
examined in future work.
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APPENDIX A: COOLING OF THE NON-THERMAL
PARTICLES
In this appendix we provide equations for the cooling rate of non-
thermal electrons and protons.
The cooling rate of electrons is given by (cf. Ginzburg &
Syrovatskii 1964; Manolakou et al. 2007)
푑훾e
푑푡
= 푏S훾
2
e+푏IC훾
2
e퐹KN(훾e)+푏C(ln훾e+푏
0
C
)+푏B훾e(ln훾e+푏
0
B)+
푣훾e
푅
,
(A1)
where the coefficients 푏S, 푏IC, 푏C and 푏B for the synchrotron,
inverse Compton, coulombic and bremsstrahlung losses are given
by
푏S =
4휎T
3푚e푐
푈B = 1.292 × 10−15(퐵/mG)2 s−1, (A2)
푏IC = 푏S
푈ph
푈B
= 5.204 × 10−20(푈ph/eV cm−3) s−1, (A3)
푏C =
2휋푒4푛e
푚2e푐
3
= 1.491 × 10−14푛e s−1, (A4)
and
푏B =
4푒6푛e
푚2e푐
4ℎ¯
= 1.37 × 10−16푛e s−1. (A5)
The constants 푏0
C
and 푏0
B
are given by
푏0
C
= ln
(
푚3e푐
4
4푒2푛eℎ¯
2
)
+
3
4
= −ln푛e + 73.4, (A6)
and
푏0B = ln2 −
1
3
= 0.36. (A7)
In these equations,휎T is the Thomson cross section,푈ph and푈B are
the photon and magnetic field energy densities, respectively, 푛e is
the electron number density, while 푐,푚e and 푒 are the speed of light,
and the electron mass and charge. For a black-body distribution of
target photons,
퐹KN(훾e) ≈ (1 + 4훾e휖eff)−3/2, (A8)
where
휖eff = 2.8
푘푇
푚e푐2
. (A9)
This approximation takes into account the full Klein-Nishina cross-
section for Compton scattering, and is valid for an anisotropic tar-
get photon field provided the electron distribution is isotropic (see
Manolakou et al. 2007, and references therein).
The last term in Eq. A1 is due to the adiabatic cooling. Here
푣 is the flow speed along the contact discontinuity and 푅 is the
distance of the gas from its star. We assume that the hot plasma
D
o
w
n
lo
a
d
e
d
 fro
m
 h
ttp
s
://a
c
a
d
e
m
ic
.o
u
p
.c
o
m
/m
n
ra
s
/a
d
v
a
n
c
e
-a
rtic
le
-a
b
s
tra
c
t/d
o
i/1
0
.1
0
9
3
/m
n
ra
s
/s
ta
a
1
0
9
9
/5
8
2
4
1
7
3
 b
y
 U
n
iv
e
rs
ity
 o
f L
e
e
d
s
 u
s
e
r o
n
 1
1
 M
a
y
 2
0
2
0
14 J. M. Pittard et al.
expands almost spherically as it flows out of the system, consistent
with the approach taken by del Palacio et al. (2016).
In addition to cooling the non-thermal particles, adiabatic ex-
pansion also reduces their number density. We assume that a change
in volume occurs when the non-thermal particles flow from one seg-
ment to the next, and that this change is related to the difference in
the immediate post-shock density of the thermal plasma between
the segments. Specifically, we assume that 휌1푉1 = 휌2푉2, where
휌1(2) and 푉1(2) are the density of the thermal particles and volume
of the non-thermal particles in segment 1(2). The change in volume,
푑푉 = 푉2 −푉1. Thus 푑푉/푉2 = (휌1/휌2 − 1).
The change of the electron Lorentz factor with time in Eq. A1
is defined to be positive for electron cooling, so
¤퐸e = −푚e푐2 푑훾e
푑푡
. (A10)
The cooling rate of non-thermal protons is given by
푑훾p
푑푡
= 푐푛p훾p퐾pp휎pp(훾p) +
푣훾p
푅
, (A11)
where 푛p is the number density of thermal protons, 휎pp is the total
inelastic cross section and 퐾pp ≈ 0.5 is the total inelasticity of the
interaction. 휎pp can be approximated as (Kelner et al. 2006)
휎pp(퐸p) = (34.3 + 1.88퐿 + 0.25퐿
2)
[
1 −
(
퐸th
퐸p
)4]2
mb, (A12)
where 퐸th = 1.22GeV is the threshold energy for the production of
a single 휋0.
APPENDIX B: EMISSIVITIES
In this appendixwe provide equations for the emissivity calculations
in ourmodels (seeCerutti (2007) andVila (2012) for further details).
B1 Anisotropic inverse Compton emission
Consider a target photon scattering off an electron that is moving
with velocity 푣 = 훽 푐. One can define two reference frames: K is the
observer (lab) frame and K’ is the rest frame of the electron. In the
lab frame the angle between the incident photon and the electron
is 휃0, and the photon energy is 휖0. All the quantities defined in K
that are measured in K’ are written with a “prime”. Thus in the rest
frame of the electron, the angle and energy of the incident photon
are 휃 ′
0
and 휖 ′
0
, respectively. The scattered photon moves at an angle
휃1 from the direction vector of the electron in the lab frame, and
at an angle of 휃 ′
1
in the electron rest frame. The scattered photon
has an energy 휖1 in the lab frame, and an energy 휖
′
1
in the electron
rest frame. In the lab frame the incident photon has an azimuthal
angle 휙0, while the scattered photon has an azimuthal angle 휙1.
These angles are respectively 휙′
0
and 휙′
1
in the electron rest frame.
The geometry and parameters are shown in Fig. B1. The derivation
below closely follows the work in Cerutti (2007).
The Compton formula gives
휖 ′1 =
휖 ′
0
1 +
휖 ′
0
푚e푐2
(1 − cosΘ′)
, (B1)
where the scattering angle Θ′ is a function of the other angles of
the problem:
cosΘ′ = cos 휃 ′1 cos 휃
′
0 + sin 휃
′
1 sin 휃
′
0 cos(휙
′
1 − 휙′0). (B2)
The differential cross section per solid angle 푑Ω′
1
and per
energy 휖 ′
1
of the Compton scattering for unpolarized radiation is
given by the Klein-Nishina formula (see, e.g., Heitler 1954; Rybicki
& Lightman 1979)
푑휎
푑휖 ′
1
푑Ω′
1
=
푟2e
2
(
휖 ′
1
휖 ′
0
)2 (
휖 ′
1
휖 ′
0
+
휖 ′
0
휖 ′
1
− sin2 Θ′
)
×
훿
©­­«휖 ′1 −
휖 ′
0
1 +
휖 ′
0
푚e푐2
(1 − cosΘ′)
ª®®¬ , (B3)
where 푟e is the classical electron radius.
Now consider a monoenergetic and unidimensional photon
distribution interacting with a single energetic electron of energy
퐸e = 훾푚e푐
2. In the observer’s (lab) frame this distribution (in units
of photons/cm3/erg/sr) can be written as
푛ph =
푑푛
푑휖푑Ω
= 푛0훿(휖 − 휖0)훿(휃 − 휃0)훿(휙 − 휙0), (B4)
where 휖 is the energy of the incident photons, and 휃 and 휙 are the
polar and azimuthal angle (see Figure 3.1 in Cerutti 2007). The
polar axis 푥 is parallel to the initial electron momentum, so that the
polar angle 휃0 is also the collision angle.
Since 푑푛
푑휖
is a Lorentz invariant, 푑푛
푑휖
= 푑푛
′
푑휖 ′ , so
푑푛′
푑휖 ′푑Ω′ =
푑푛
푑휖푑Ω
푑Ω
푑Ω′ . (B5)
Using the Doppler shift formulae, Eq. B4 becomes
푑푛
푑휖푑Ω
= 푛0훿(휖
′훾(1 + 훽 cos 휃 ′) − 휖0)훿
(
cos 휃 ′ + 훽
1 + 훽 cos 휃 ′ − cos 휃0
)
×
훿(휙′ − 휙′0), (B6)
and
푑Ω
푑Ω′ = 훾
2(1 − 훽 cos 휃)2 = 1
훾2(1 + 훽 cos 휃 ′)2
. (B7)
The Dirac distribution has the property that for a function 푓 (푥)
where for all 푖, 푓 (푥푖) = 0, then
훿( 푓 (푥)) =
∑
푖
1
|푑푓 /푑푥 |푥=푥푖
훿(푥 − 푥푖). (B8)
It is then possible to express the differential photon density in K’ as
푑푛′
푑휖 ′푑Ω′ = 푛0훾(1 − 훽 cos 휃0)훿(휖
′ − 휖0훾(1 − 훽 cos 휃0))×
훿
(
cos 휃 ′ − cos 휃0 − 훽
1 − 훽 cos 휃0
)
훿(휙′ − 휙′0). (B9)
To obtain the inverse Compton spectrum per electron, we
first need to determine the differential number of scattered pho-
tons (photons/s/sr2/erg2) in the rest frame of the electron, which is
푑푁
푑푡 ′푑휖 ′
1
푑Ω′
1
푑휖 ′푑Ω′ =
푑푛′
푑휖 ′푑Ω′ 푐
푑휎
푑휖 ′
1
푑Ω′
1
. (B10)
However, the observer is interested in the differential number of
scattered photons per electron, per unit of time, per unit of energy
휖1 and per unit of solid angle Ω1 in the lab frame, which is given
by
푑푁
푑푡푑휖1푑Ω1
=
∫
Ω′
∫
휖 ′
푑푁
푑푡 ′푑휖 ′
1
푑Ω′
1
푑휖 ′푑Ω′
푑푡 ′
푑푡
푑Ω′
1
푑Ω1
휖 ′
1
휖1
푑Ω′푑휖 ′.
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Non-thermal emission from a colliding wind binary 15
Figure B1. The inverse Compton scattering geometry and parameters in the observer’s frame (left) and the rest frame of the electron (right). The incident and
scattered photons are represented by waves and the green arrow shows the direction of motion of the electron in the lab frame. The Lorentz boost from the
observer to the rest frame of the electron is along the 푥-axis.
Figure B2. The geometry of the star-electron-observer. The blue arrow shows the direction of the incoming stellar photon, and the red arrow shows the direction
of the up-scattered photon. Because the inverse Compton emission from energetic electrons is highly beamed this is also the direction vector of the electron.
The aperture angle of the star is 훼∗, the viewing angle is 휓, and the scattering angle is 휃0. The 푦-axis is defined to be the polar axis. 휒 is the azimuthal angle
in the 푥푧-plane, and 휓 is in the 푥푦-plane.
(B11)
The Jacobian of the Lorentz transformation from K’ to K is
푑푡 ′
푑푡
푑Ω′
1
푑Ω1
휖 ′
1
휖1
=
1
훾
1
훾2(1 − 훽 cos 휃1)2
훾(1 − 훽 cos 휃1). (B12)
Thus one obtains
푑푁
푑푡푑휖1푑Ω1
=
1
훾2(1 − 훽 cos 휃1)
∫
Ω′
∫
휖 ′
푑푛′
푑휖 ′푑Ω′ 푐
푑휎
푑휖 ′
1
푑Ω′
1
푑Ω′푑휖 ′.
(B13)
Using the Dirac distribution property (Eq. B8), and defining 휇 =
cosΘ′, Eq. B3 becomes
훿
©­«휖 ′1 − 휖
′
1 + 휖
′
푚e푐2
(1 − 휇)
ª®¬ =
1[
1 − 휖
′
1
푚e푐2
(1 − 휇)
]2 훿 ©­­«휖 ′ −
휖 ′
1
1 − 휖
′
1
푚e푐2
(1 − 휇)
ª®®¬ . (B14)
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16 J. M. Pittard et al.
Eq. B13 then becomes
푑푁
푑푡푑휖1푑Ω1
=
1
훾2(1 − 훽 cos 휃1)
∫
Ω′
∫
휖 ′
푛0훾(1 − 훽 cos 휃0)×
훿(휖 ′ − 휖0훾(1 − 훽 cos 휃0))훿(cos 휃 ′ − cos 휃 ′0)훿(휙′ − 휙′0)×
푟2e
2
(
휖 ′
1
휖 ′
)2 ( 휖 ′
1
휖 ′ +
휖 ′
휖 ′
1
− 1 + 휇2
)
1[
1 − 휖
′
1
푚e푐2
(1 − 휇)
]2×
훿
©­­«휖 ′ −
휖 ′
1
1 − 휖
′
1
푚e푐2
(1 − 휇)
ª®®¬ 푑휖 ′푑Ω′. (B15)
These integrations are straightforward and give
푑푁
푑푡푑휖1푑Ω1
=
푟2e푛0푐(1 − 훽 cos 휃0)
2훾(1 − 훽 cos 휃1)
×[
1 + 휇2 +
(
훾휖1
푚e푐2
)2
(1 − 훽 cos 휃1)2(1 − 휇)2
1 − 훾휖1
푚e푐2
(1 − 훽 cos 휃1)(1 − 휇)
]
×
훿
(
훾휖1(1 − 훽 cos 휃1)
1 − 훾휖1
푚e푐2
(1 − 훽 cos 휃1)(1 − 휇)
− 훾휖0(1 − 훽 cos 휃0)
)
.
(B16)
The integration over Ω1 is complicated, but can be obtained by
making use of the approximation that for 훾 >> 1,
휇 ≈ cos 휃1 − 훽
1 − 훽 cos 휃1
퐶휃0 , (B17)
where
퐶휃0 =
cos 휃0 − 훽
1 − 훽 cos 휃0
. (B18)
Because of this approximation, the spectrum is independent of the
azimuthal angle and the integration over the azimuthal angle 휙1
just multiplies it by 2휋. The remaining integration over 푥 = cos 휃1
is simple as well. If 휇0 = 휇(푥0), the number of photons with fi-
nal energy 휖1 scattered into all outward directions per unit time
(photons/s/erg) is then
푑푁
푑푡푑휖1
(퐸e, 휖0, 휖1) = 휋푟
2
e푛0푐퐾
(1 − 훽 cos 휃0)
훾(1 − 훽푥0)
×[
1 + 휇20 +
(
훾휖1
푚e푐2
)2
(1 − 훽푥0)2(1 − 휇0)2
1 − 훾휖1
푚e푐2
(1 − 훽푥0)(1 − 휇0)
]
, (B19)
where
푥0 =
1 − 휖0휖1 (1 − 훽 cos 휃0) +
훾휖0
푚e푐2
(1 − 훽 cos 휃0)(1 + 훽퐶휃0 )
훽 +
훾휖0
푚e푐2
(1 − 훽 cos 휃0)(훽 + 퐶휃0 )
, (B20)
and
퐾 =
{
1 − 훾휖1
푚e푐2
[1 + 훽퐶휃0 − (훽 + 퐶휃0 )푥0]
}2−훽훾휖1 − 휖 21푚e푐2퐶휃0  . (B21)
Eq. B19 is only valid between the energy limits 휖min ≤ 휖1 ≤ 휖max,
where
휖min/max =
훾푚e푐
2(1 − 훽 cos 휃0)휖0
훾푚e푐2 + 휖0 ±
√
휖2
0
+ 푚2e푐
4훾2훽2 + 2휖0훽훾푚e푐
2 cos 휃0
.
(B22)
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Figure B3. The inverse Compton luminosity 퐿훾 = 퐸
2
훾푁훾(퐸훾) calculated
for a point-like star and different values of the viewing angle 휓. The energy
distribution of the incident photons is a black-body with 푇 = 3.9 × 104 K.
The electron distribution is a power-law 푁e(퐸e) ∝ 퐸−2e over the energy
range 10푚e푐
2 ≤ 퐸e ≤ 1TeV.
To obtain the total emission, Eq. B19 must be integrated over
the incident photon and electron distributions, the collision angle,
and the volume containing the non-thermal particles,푉 . For incident
photons from a star, the geometry is illustrated in Fig. B2, which
is based on Fig. 4.1 in Cerutti (2007). The polar axis 푦 is chosen
so that it joins the centre of the star and the interaction site, which
are separated by a distance 푑. The direction vector for any photon
emitted by the star can be written as
®푒∗ = (sin훼 cos 휒, cos훼, sin훼 sin 휒). (B23)
휒 can take the range 0 ≤ 휒 ≤ 2휋, but the polar angle is limited due to
the size of the star to the range 0 ≤ 훼 ≤ 훼∗, where훼∗ = arcsin(푅∗/푑)
and 푅∗ is the stellar radius.
If the system is seen with a viewing angle 휓, then the scattered
photon has the unit vector
®푒obs = (sin휓, cos휓, 0). (B24)
Because the inverse Compton emission from energetic electrons is
highly beamed this is also the direction vector of the electron, ®푒푒.
The collision angle, 휃0, can then be obtained from the scalar product
of ®푒푒 and ®푒∗:
®푒푒 · ®푒∗ = cos 휃0 = cos휓 cos훼 + sin휓 sin훼 cos 휒. (B25)
The resulting emission (photons/s/erg) is given by
푑푁
푑푡푑휖1
=
∫
푉
푑푉
∫퐸e,max
퐸e,min
∫ 휖0,max
휖0,min
∫2휋
0
∫ 훼∗
0
푑푁
푑푡푑휖1
(퐸e, 휖0, 훼, 휒)×
푛ph(휖0)푁e(퐸e) cos훼 sin훼푑훼푑휒푑휖0푑퐸e, (B26)
where 푛ph(휖0) is the number density of incident photons at en-
ergy 휖0 (in units of photons/cm
3/erg/sr), 푁e(퐸e) is the non-
thermal electron distribution (in units of electrons/erg/cm3), and
cos훼 sin훼푑훼푑휒 is the projection of an element of area 푑2푆 on the
surface of the star.
In Fig. B3 the variarion of the inverse Compton emissivity with
viewing angle is shown for a point-like star with a blackbody photon
distribution scattering off non-thermal electrons with a power-law
energy distribution. The effect of the anisotropy is clear to see. Most
of the variation is between 0◦ < 휓 < 90◦, and there is virtually no
change for 135◦ < 휓 < 180◦.
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Non-thermal emission from a colliding wind binary 17
B2 Relativistic bremsstrahlung emission
The 훾-ray emission (photons/s/erg) from relativistic
bremsstrahlung resulting from the interaction of non-thermal
electrons with thermal protons is (e.g. Blumenthal & Gould 1970)
푞훾(퐸훾) = 푐
∫
푉
푑푉푛p
∫퐸maxe
퐸mine
푑휎Br
푑퐸훾
(퐸훾 , 퐸e)푁e(퐸e)푑퐸푒, (B27)
where 퐸훾 is the photon energy, 푛p is the number density of thermal
protons, 퐸e is the energy of the non-thermal electron, and 퐸
max
e and
퐸mine are the maximum and minimum energy of the non-thermal
electrons. The differential cross section (in units of cm2/erg) for
the emission of a photon by a non-thermal electron (with energy
퐸e >> 푚e푐
2) in the presence of a proton is (e.g., Berezinskii et al.
1990)
푑휎Br
푑퐸훾
(퐸훾 , 퐸푒) =
4훼FS푟
2
e
퐸훾
[
1 +
(
1 − 퐸훾
퐸푒
)2
− 2
3
(
1 − 퐸훾
퐸푒
)]
×{
ln
[
2퐸푒(퐸푒 − 퐸훾)
푚e푐2퐸훾
]
− 1
2
}
, (B28)
where 훼FS is the fine structure constant.
B3 휋0-decay emission
The 훾-ray emission (photons/s/erg) from the decay of neutral pions
is
푞훾(퐸훾) = 2
∫퐸maxp
퐸min
푄휋0 (퐸휋 )√
퐸2휋 − 푚2휋0푐4
푑퐸휋 , (B29)
where 퐸휋 is the neutral pion energy and
퐸min = 퐸훾 +
푚2
휋0
푐4
4퐸훾
. (B30)
푄휋0 is the injection function of neutral pions (pions/s/erg). In the
delta functional approximation it is given by (Aharonian & Atoyan
2000)
푄휋0 (퐸휋 ) =
∫
푉
푑푉
푛˜
퐾휋
푐푛p휎pp(퐸p)푁p(퐸p), (B31)
where 푛˜ is the number of neutral pions created per proton-proton
collision (it is assumed that 푛˜ = 1 and does not depend on the
energy of the proton), 퐾휋 = 0.17 is the fraction of the proton
kinetic energy that goes into creating the pion, 푛p is the number
density of thermal protons, and 푁p(퐸p) is the non-thermal proton
distribution (in units of protons/erg/cm3) where the proton energy
is 퐸p. The inelastic proton-proton cross-section, 휎pp, is accurately
approximated as (Kelner, Aharonian & Bugayov 2006)
휎pp(퐸p) =
(
34.3 + 1.88퐿 + 0.25퐿2
) [
1 −
(
퐸th
퐸푝
)4]2
mb, (B32)
where 퐿 = ln(퐸푝/1 TeV) and 퐸th = (푚푝 + 2푚휋 + 푚
2
휋/2푚푝)푐
2 =
1.22GeV is the threshold energy for the production of a single 휋0.
This paper has been typeset from a TEX/LATEX file prepared by the author.
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